
Astronomy 112: The Physics of Stars

Class 13 Notes: Schematics of the Evolution of Stellar Cores

We’re now done with our discussion of physical processes in stars, and we are ready to begin
the last phase of the class: applying those principles to develop a theoretical model for how
stars behave and evolve. We can get a very good general idea of this by focusing on the
center of a star, and considering the different physical process that can take place in it. That
is the topic for today.

I. The (log T, log ρ) Plane

To begin studying the center of a star, imagine that it has a density ρ and a temperature
T . We can describe any possible stellar center in terms of these two numbers plus the
composition, which doesn’t vary much for main sequence stars. This suggests that we
can gain a great deal of insight into the behavior of stellar cores by drawing a graph of
ρ vs. T and coloring in the regions on the graph where various processes occur. Since
ρ and T both cover very large ranges, it is more convenient to take the logarithm and
plot in the (log T, log ρ) plane, which is what we will now do. In passing, I’ll mention
that we’re going to calculate things quite approximately. One can do these calculations
more precisely, and the results of the more precise calculations are shown in the figures
in the textbook.

A. The Pressure

First consider the pressure and the equation of state. We have already seen that
there are four possible regimes for gas pressure: any combination of degenerate
and non-degenerate, and relativistic and non-relativistic. There is also radiation
pressure. We would like to draw approximate lines in the (log ρ, log T ) plane
delineating where each type of pressure is dominant, since that will determine
part of the behavior of the gas in those regions. To do this, we will ask where
various types of pressure are equal.

First let’s collect all the types of pressure we have to worry about. We have
non-degenerate gas pressure (which is the same for relativistic or non-relativistic
gases),

Pgas =
R
µ

ρT,

pressure for a non-releativstic degenerate gas

Pdeg,NR = K ′
1

(
ρ

µe

)5/3

,

pressure for an ultra-relativistic degenerate gas

Pdeg,UR = K ′
2

(
ρ

µe

)4/3

,
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and radiation pressure

Prad =
1

3
aT 4.

First we take the log of all the pressure equations:

log Pgas = log ρ + log T + log
R
µ

log Pdeg,NR =
5

3
log ρ + log K ′

1 −
5

3
log µe

log Pdeg,UR =
4

3
log ρ + log K ′

2 −
4

3
log µe

log Prad = 4 log T + log
a

3
,

For numerical evaluations we can assume standard Solar composition, µ = 0.61
and µe = 1.17.

We want to find the regions where each of these pressures is dominant, so we will
look for the lines where the various pressures are equal. These divide the regions
where one dominates from the regions where another dominates. Since there are
4 pressures there are 6 possible lines of equality, but in reality only 4 of them are
relevant, because the other equalities either never occur, or occur only in regions
of ρ and T not relevant to stars.

First, consider the line where Pgas = Prad. Equating the two pressure and re-
arranging, we get

4 log T + log
a

3
= log ρ + log T + log

R
µ

log ρ = 3 log T + log
a

3
− log

R
µ

.

This is clearly the equation of a line with a slope of 3 in log ρ vs. log T .

Next consider the line where Pgas = Pdeg,NR. Using the same procedure, we have

log ρ + log T + log
R
µ

=
5

3
log ρ + log K ′

1 −
5

3
log µe

log ρ =
3

2
log T +

3

2
log

R
µ
− 3

2
log K ′

1 +
5

2
log µe.

This is a line of slope 3/2.

The line of equality between ideal gas pressure and degenerate relativistic gas
pressure is

log ρ + log T + log
R
µ

=
4

3
log ρ + log K ′

2 −
4

3
log µe

log ρ = 3 log T + 3 log
R
µ
− 3 log K ′

2 + 4 log µe.
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This is another slope 3 line.

Equating relativistic and non-relativistic degeneracy pressures gives the line where
degenerate gas becomes relativistic. This is

5

3
log ρ + log K ′

1 +
5

3
log µe =

4

3
log ρ + log K ′

2 +
4

3
log µe

log ρ = 3 log K ′
2 − 3 log K ′

1 − log µe.

This is a line of slope 0.

To visualize the implications of this, it is helpful to see these 4 lines on a graph,
keeping in mind that we only draw the line for relativistic degenerate gas above
the line separating relativistic from non-relativistic, and we only draw the line for
non-relativistic degenerate gas below this line.

[Slide 1 – types of pressure in the (log T, log ρ) plane]

The plot lets us identify which sources of pressure are dominant in which parts of
the (log T, log ρ) plane. Ideal gas pressure dominates in a strip down the center,
which includes the properties found at the center of the Sun, log ρ ∼ 2 and
log T ∼ 7. Increasing the density at fixed temperature makes the gas degenerate,
first non-relativistically and then relativistically. Increasing the temperature at
fixed density eventually leads to the radiation pressure-dominated regime.

Of course the transitions between the different regimes are smooth and continuous,
not sharp as we have drawn them. The purpose of drawing them this way is to
give some sense of where in parameter space we have to worry about different
effects.

B. Nuclear Reactions

Now that we know what types of pressure occur in different regions, the next thing
to add to our plot is regions of nuclear burning. Recall that nuclear reaction rates
are extremely temperature sensitive, so the reaction rate generally increases quite
dramatically once one is past a certain threshold temperature.

To get a sense of when nuclear burning of a particular type becomes important,
it is useful to ask when the energy generation rate passes some minimum value at
which it is significant. As a rough estimate of what it means to be significant, we
can require that nuclear burning be competitive with Kelvin-Helmholtz contrac-
tion as a source of energy – if not, then the burning rate is insufficient to hold up
the star.

We can estimate the required reaction rate very roughly as follows. In the absence
of nuclear burning, the star will contract on a KH timescale, which means that
the gas will heat up by a factor of order unity in a time t ∼ tKH. In order for
nuclear reactions to be significant they would also need to be able to change the
gas temperature by a factor of order unity (in the absence of radiative losses that
keep everything in equilibrium) on that timescale.
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For an ideal gas the energy per unit mass is

ugas =
3

2

Pgas

ρ
=

3

2

R
µ

T.

Thus if the rate of nuclear energy generation is q, the timescale required for nuclear
reactions to change the gas temperature significantly is

t ∼ ugas

q
=

3

2

R
µ

T

q
.

If we want this to be comparable to the KH timescale, then we require that q
have a minimum value of

qmin ∼
R
µ

T

tKH

,

where we have dropped factors of order unity. Of course both T and the KH
timescale vary as the type of star and the conditions in its center change. However,
to get a very rough estimate we can just plug in typical Solar values, which are
T ∼ 107, tKH ∼ 10 Myr. Doing so, we find that qmin ∼ 10 erg g−1 s−1 to the
nearest factor of 10.

We can use our formulae for nuclear burning to see when what density and tem-
perature give a burning rate of about this value. The three energy generation
rates we wrote down are for the pp chain, the CNO cycle, and the 3α reaction,
and those are

qpp ' 2.4× 106X2

(
ρ

1 g cm−3

)(
T

106 K

)−2/3

exp

[
− 33.8

(T/106 K)1/3

]

qCNO ' 8.7× 1027XXCNO

(
ρ

1 g cm−3

)(
T

106 K

)−2/3

exp

[
− 152

(T/106 K)1/3

]

q3α ' 5.1× 108Y 3

(
ρ

1 g cm−3

)2 (
T

108 K

)−3

exp

(
− 44

T/108 K

)
,

where everything here is in units of erg g−1 s−1.

If we set q = qmin for each of these reactions, we can solve for ρ in terms of T . As
before, it is convenient to take the log of both sides before solving. The result is

log ρpp = 14.7T
−1/3
6 +

2

3
log T6 − 6.4− 2 log X + log qmin

log ρCNO = 66.0T
−1/3
6 +

2

3
log T6 − 27.9− log X − log XCNO + log qmin

log ρ3α = 9.55T−1
8 +

2

3
log T8 − 4.35− 3

2
log Y +

1

2
log qmin,

where we have used the abbreviation Tn = T/(10n K). These are clearly not
straight lines in the (log T, log ρ) plane. There is a linear part, which comes from
the (2/3) log T terms, but there is a far more important exponential part, coming
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from the T 1/3 and T−1 terms, which look like exponentials in the (log T, log ρ)
plane.

We can add these curves using X = 0.71, XCNO = 0.01 for main sequence stars
and Y = 1 for helium-burning stars. The plot also shows curves for other nuclear
reactions involving higher Z nuclei, which can be computed in exactly the same
manner. For pp and CNO reactions, since they both involve hydrogen burning,
the plot shows whichever reaction requires the lower threshold density to produce
energy at a rate qmin – that’s the one that will start first.

[Slide 2 – nuclear reactions in the (log T, log ρ) plane]

It is important to notice that the nuclear reaction curves are quite close to vertical
lines, particularly for those involving high Z nuclei. This is a manifestation of
the extreme sensitivity of the reaction rates to temperature. Recall that we often
approximate rates of nuclear energy generation as powerlaws

q = q0ρ
µT ν ,

where µ = 1 for two-body interactions and µ = 2 for three-body reactions like 3α.
The value of ν is ∼ 4 for the pp chain, ∼ 20 for CNO, ∼ 41 for 3α, and increases
even further at higher Z.

To see what this implies about the shape of the curves we have just drawn, we
can set q = qmin, take the logarithm of both sides of the powerlaw approximation
and then re-arrange to solve for log ρ:

log qmin = log q0 + µ log ρ + ν log T

log ρ = −ν

µ
log T − 1

µ
log

qmin

q0

This is clearly the equation of a line with a slope of −ν/µ. Now recall that
µ = 1 or 2 (usually 1), and that ν is a big number ranging from 4 for the pp
chain up to many tens for higher Z reactions. Thus we expect the line where
a nuclear reaction becomes important to look like a line with a large, negative
slope. Of course it’s not exactly a line, since the powerlaw approximation is only
an approximation. Nonetheless, this does show why the nuclear reaction lines are
so steep.

C. Instability Regions

A third thing to add to our plot is regions of instability. We have seen that stars
become dynamically unstable if the gas ever reaches a condition where γa < 4/3,
and that γa = 4/3 is only marginally stable, and can lead to instability. Thus the
question is: where in the (log T, log ρ) plane do we expect the conditions to be
such that γa < 4/3.

Two answers are obvious: since relativistic gasses have γa = 4/3, the gas asymp-
totically approaches 4/3 as we move into either the relativistic degeneracy re-
gion or the radiation pressure-dominated region. Moving into these regions never
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causes γa to drop below 4/3, but we should expect some sort of instability to set
in for any star whose core ventures too far into these regions.

There are also two other zones of instability to add to the plot. As we discussed
earlier in the class, if the temperature exceeds ∼ 6 × 109 K, photons acquire
enough energy to photodisintegrate iron nuclei, reducing them to He and reversing
nucleosynthesis. This is an ionization-like process, in the sense that it creates
conditions in which changes in the density or pressure do not produce much change
in the temperature. Energy provided by compressing the gas and doing work on
it instead goes into photodisintegrating more nuclei. If the gas expands and does
work, the energy is provided by converting He nuclei back into Fe. In either case,
the temperature doesn’t change much, so γa is near 1.

For this reason, if the temperature in the core of a star reaches ∼ 6× 109 K, the
star should become dynamically unstable, and should collapse or explode. We
therefore add a line to our diagram at this temperature.

The second zone of instability has to do with pair production. If photons have
enough energy, they can spontaneously create electron-positron pairs when they
interact with other particles. The reaction is something of the form

γ + e− → e− + e− + e+ + γ,

where the photon on the right side has at least 1.02 MeV less energy than the one
on the right, since the rest mass of the electron-positron pair is 1.02 MeV. The
temperature where this reaction starts to happen is dictated by requirement that
photons have enough energy to start making pairs. The typical photon energy is
∼ kBT , so the reaction starts when

kBT ∼ 1.02 MeV =⇒ T ∼ 1010 K.

In fact the temperature required is a bit lower than this, because there are always
some photons with energies higher than the mean, and these can start making
pairs at lower temperatures.

The effect of this on the equation of state is somewhat complicated, because it
depends on the rate at which pairs are produced (which depends on the density
of particles with which photons can interact), and on what fraction of the total
pressure is provided by the photons as opposed to the gas. However, we can see
that this is also an ionization-type process that leads to lower γa. The basic phys-
ical reason is the same as for ionization: when the gas can change the number of
particles present, it acquires a big reservoir of energy. If the gas is compressed
and some work is done on it, instead of heating up, the gas can simply increase
the number of particles. If the gas expands and does work, it can get the energy
by decreasing the number of particles rather than by cooling off. Thus the tem-
perature becomes relatively insensitive to the pressure or density, and γa becomes
small.

[Slide 3 – instability regions]
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Computing the effective value of γa when pair creation is underway is a complex
problem, and not one that we will solve in this class. The instability region is
bounded by a fairly narrow region in temperature and density. If the temperature
is too low photons cannot create pairs, and if it is too high then creating a pair
does not require a lot of energy, and thus has little effect. If the density is too high,
then gas pressure is large compared to radiation pressure, and the loss of energy
from photons creating pairs doesn’t make much difference. Thus the region of
instability is characterized by a maximum density and a maximum and minimum
temperature.

II. Stars in the (log T, log ρ) Plane

A. Mass Lines

Now that we have established the physical processes that dominate the pres-
sure, the nuclear reactions, and the stability or lack thereof in each part of the
(log T, log ρ) plane, let us now consider where the centers of actual stars fall in
this plane.

In placing stars on this diagram, we can take advantage of the powerful and
general relationship we derived between the central pressure and central density
of a star. For a polytrope of index n, we showed that

Pc = (4π)1/3BnGM2/3ρ4/3
c .

Real stars aren’t exactly polytropes except in certain special cases, but we have
shown that their structures are generally bounded between n = 1.5 and n = 3
polytropes, depending on the strength of convection and the amount of pressure
provided by radiation. For an n = 1.5 polytrope, Bn = 0.206, and for one with
n = 3, Bn = 0.157. That these values are so close suggests that this equation
should apply in general, with only a slight dependence of the coefficient on the
internal structure of the star. For this reason, we can simply adopt an approximate
value Bn ' 0.2, and expect that it won’t be too far off for most stars.

In order to translate this relationship between Pc and ρc into our (log T, log ρ),
plane, we need to compute the central temperature Tc from ρc and Pc. This in
turn requires that we use the equation of state. There are several equations of
state on our diagram, but we really only need to worry about two: ideal gas and
non-relativistic degenerate gas. That is because stars that get too far into one
of the other two regimes, either relativistic degenerate gas or radiation pressure,
become unstable.

For an ideal gas, we have

Pc =
R
µ

ρcTc,

so combining this with the central pressure-density relation, we have

R
µ

ρcTc = (4π)1/3BnGM2/3ρ4/3
c
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ρc =
1

4πB3
n

(
R
µ

)3
1

G3M2
T 3

c

log ρc = 3 log Tc − 2 log M − 3 log G− log(4πB3
n) + 3 log

R
µ

.

Thus in the case of an ideal gas, the relationship between central density and
temperature is simply a line of slope 3. The y intercept of the line depends on the
star’s mass M , so that stars of different masses simply lie along a set of parallel
lines.

If the mass is below the Chandresekhar mass, we also have to consider the possi-
bility that the star could be degenerate. If it is, the equation of state is instead

Pc = K ′
1

(
ρc

µe

)5/3

.

Repeating the same trick of combining this with the polytropic pressure-density
relation, we have

K ′
1

(
ρc

µe

)5/3

= (4π)1/3BnGM2/3ρ4/3
c

ρc = 4πB3
nG

3M2K ′−3
1 µ5

e

log ρc = log(4πB3
n)− 3 log K ′

1 + 5 log µe + 3 log G + 2 log M

This is just a horizontal line, at a value that depends on the star’s mass M . We
can add lines for stars of various masses to our diagram.

[Slide 4 – mass lines on the (log T, log ρ) plane]

Note that the 100 M� gas is really in the regime where radiation is important,
but so we should really compute its central temperature taking that into account,
but we’re going to ignore that complication, because it doesn’t move the line by
that much, and it doesn’t change anything essential.

B. Evolutionary Path

We can interpret these lines as evolutionary tracks for stars. As long as the star’s
mass remains fixed, it is constrained to spend its entire life somewhere on the line
associated with its mass – it simply moves from one point on the line to another.

We can understand the great majority of stellar evolution simply by looking at
this diagram. Stars form out of gas clouds that are much less dense and much
colder than than the center of a star. Thus all stars begin their lives at the bottom
left corner of the diagram. Since the place where they begin is in the ideal gas
region, the ideal gas virial theorem applies, and we have

1

2
Ω̇ = −U̇ = Lnuc − L U =

3

2

R
µ

MT Ω = −α
GM

R
.
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Since Lnuc = 0 at this point, Ω must decrease and U must increase. Since the
mass is fixed, this means R decreases (and thus ρc increases), and T increases.
Thus the star must move up and to the right in the (log T, log ρ) plane. It will do
so following its particular mass track.

The speed with which a star moves is dictated by the source of its energy. Before
the star crosses any of the nuclear burning lines, it has no significant internal
energy source, so it must evolve on the timescale dictated by gravitational power,
the KH timescale. Thus stars move up and right on their tracks on a KH timescale.

As they move in this manner, stars eventually encounter the hydrogen burning
track. Lower mass stars encounter it on the part that corresponds to the pp chain,
while higher mass ones encounter it along the part that corresponds to the CNO
cycle – the breakpoint is slightly above the mass of the Sun.

Once a star reaches the hydrogen burning line, burning begins and the star stops
contracting. It happily sits at that point for a time dictated by its amount of
nuclear fuel, the nuclear burning timescale. This depends on the mass of the star,
as we will see soon.

After this long pause, the star keeps moving. It is still in the ideal gas part of
the plot, and, since it doesn’t have a power source, it must keep contracting and
losing energy, moving further up and to the right on its mass track. Evolution
again takes place on a KH timescale.

At this point, stars begin to diverge onto different paths based on their masses.

1. Low Mass Stars

For the lowest mass stars, represented on the plot by the 0.1 M� line, the
next significant line they encounter is the transition from ideal gas to non-
relativistic degenerate gas. Once a star hits that line, the pressure becomes
independent of the temperature. The star continues to radiate, however.
Since the pressure doesn’t change, the star can’t contract, and thus it must
pay for this radiation out of its thermal energy instead of its gravitational
potential energy. As a result, instead of heating up by radiating, a degenerate
star cools by radiating.

Thus the star stops moving up and to the right on its mass track, and instead
begins to move to the left at fixed ρc. It gets colder and colder, but the pres-
sure and density don’t depend on temperature any more, so it just sits there.
As time passes the star dims, since its radius is fixed and its temperature is
dropping, but it will happily continue slowly inching to the left for the entire
age of the universe.

Since the star burned H to He, but never got hot enough to ignite He, it is
composed of helium. This type of star is known as a helium white dwarf.

2. Medium Mass Stars
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As we move to a slightly higher mass, comparable to that of the Sun (rep-
resented by the M� line on the plot), what changes is that the star hits
the 3α helium burning line before it reaches the degeneracy line. Thus the
star ignites He. At this point things stall for another nuclear timescale, but
this time the nuclear timescale is computed for helium rather than hydrogen
burning.

We evaluate this nuclear timescale in the same way as for hydrogen burning:

tnuc =
εMc2

L
.

For the 3α reaction, ε = 6.7×10−4, roughly an order of magnitude lower than
for hydrogen burning. This means that tnuc is shorter for helium burning that
for hydrogen burning.

It is even shorter than that because stars at this point are also significantly
more luminous than they are on the main sequence. We can see why using
the simple Eddington model, in which the luminosity of the star is given by

L

L�
=

4πcGM�

κsL�
0.003µ4β4

(
M

M�

)3

,

where β is given by the Eddington quartic

0.003

(
M

M�

)2

µ4β4 + β − 1 = 0.

For low mass stars, the first term is negligible, and so we have β ' 1 inde-
pendent of µ. Thus the luminosity simply scales as µ4.

Consider how µ changes as the star evolves. As a reminder,

1

µ
=

1

µI

+
1

µe

1

µI

≈ X +
1

4
Y +

1−X − Y

〈A〉
1

µe

≈ 1

2
(1 + X).

For Solar composition, X = 0.707 and Y = 0.274, we found µ = 0.61. If we
take all the hydrogen in the star and turn it into helium, we instead have
X = 0 and Y = 0.98, and plugging in gives µ = 1.34. Thus µ increases by a
factor of 1.34/0.61, and the luminosity increases by a factor of (1.34/0.61)4 =
23. The surface opacity κs also decreases, further increasing the luminosity.

Physically, µ increases from two effects. First, converting hydrogen to helium
increases the mean mass per ion of the most abundant species from 1 to 4.
Second, each conversion of 4 hydrogen into 1 helium involves the conversion
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of 2 protons to neutrons, and, in order to conserve charge, the creation of two
positrons. These two positrons annihilate with electrons, so for each He that
is created, 2 electrons are destroyed. This reduces the number of electrons,
further increasing the mean mass per particle.

The increase in µ means that the gas pressure is smaller at fixed temperature,
which in turn means that a higher temperature is required to hold up the
star against gravity. A higher temperature leads to a larger temperature
gradient, which increase the rate of energy transport through the star and
thus, ultimately, the stellar luminosity.

The result of this increase in luminosity along with the decrease in ε for
3α compared to hydrogen burning is that the nuclear timescale for helium
burning is ∼ 3 orders of magnitude smaller than the corresponding nuclear
lifetime for hydrogen burning. Thus while the Sun will take ∼ 10 Gyr to
evolve off the main sequence of hydrogen burning stars, its lifetime as a helium
burning star will be closer to 10 Myr.

Once the available helium is used up, the core will consist mostly of carbon
and oxygen that do not burn. The star is still in the ideal gas part of the
diagram, so it will being KH contraction again, shining by gravity while
becoming denser and hotter. The KH timescale for this contraction phase
is also reduced compared to the previous step of contraction, because the
luminosity increases due to the increase in mean molecular weight.

For a star like the Sun, the next significant line it encounters is the one for
degeneracy. After that point, its evolution is like that of lower mass stars: it
ceases contracting and instead begins to cool at constant radius and central
density, dimming as it does. The star ends it life as a carbon-oxygen white
dwarf.

3. High Mass Stars

If we increase the mass a bit more, to larger than the Chadrasekhar mass,
then no transition to a degenerate state is possible. The track of such a star
is indicated by the 10 M� line on the plot. Geometrically, it is easy to see
what is going on. The line between ideal gas and degenerate relativistic gas
has a slope of 3, the same as the slope of the constant mass tracks in the
ideal gas region. Since two lines of the same slope will never intersect unless
they are identical, the constant mass track will never hit the degenerate gas
region unless it does so in the non-relativistic area, where the slope is 3/2
rather than 2.

Since a star of this mass cannot become degenerate, it instead reaches the
next nuclear burning line. First it burns carbon, then it contracts some more,
then it burns oxygen, contracts some more, and then burns silicon. Each of
these burning phases has a nuclear timescale that is shorter than the last,
for three reasons. The first two are the same reasons that helium burning
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was shorter than hydrogen burning. First, as one moves to higher Z, the
elements are already closer to the peak of binding energy per nucleon, so ε
is decreasing. Second, as the mean atomic weight A increases, the star must
burn brighter and brighter to maintain hydrostatic balance.

The third reason is that, as one moves up the periodic table toward the iron
peak, more and more of the energy of nuclear burning comes out in the form
of neutrinos rather than photons, and the neutrinos escape the star and take
their energy with them. By the time the star is burning silicon into iron,
the star is roughly 1 million times brighter in neutrinos than it is in photons.
This means that the nuclear reaction rate must be 1 million times faster to
keep up, and the nuclear timescale is correspondingly shortened. The net
outcome is that the silicon burning phase lasts only ∼ 18 days.

Once the silicon is burned to iron, the star has no choice but to continue
moving up and to the right on its mass evolution track. There is finally hits
the photodisintegration instability strip. At that point the core switches to
a γa = 4/3 equation of state, becomes dynamically unstable, and the story is
over. The star will either collapse to a black hole or explode as a supernova,
leaving behind a neutron star.

4. Very High Mass Stars

An even more massive star can reach an instability strip even sooner, before it
begins oxygen burning. If the star is massive enough, its track intersects the
instability region associated with pair creation. At this point the star becomes
dynamically unstable, and it will either collapse into a black hole or explode
as a supernova, as in the case for a star that reaches the photodisintegration
instability region.

Pair instability supernovae are different than those that occur in less massive
stars, in that they occur before the star has fused the elements in its core up
to the iron peak. Some nuclear fusion can happen as the star explodes, but
in general pair instability supernovae produce much more oxygen and carbon
than ordinary core collapse supernovae.

5. Mass Loss

The final thing to mention in this lecture is a major note of caution. This story
is useful, and it is generally correct as an outline. However, it omits one major
factor: mass loss. All the evolutionary tracks we have just discussed assume
that stars are constrained to move along lines of constant mass. While this
is roughly correct for stars on the main sequence, as we will see next week, it
is not correct for post-main sequence stars. Instead, such stars can lose large
fractions of their mass via a variety of processes we will discuss.

The effect of mass loss is to allow stars, once they are past the main sequence,
to slide upward from a higher mass evolutionary track to a lower mass one.
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Thus the condition for going supernova is not that the star’s initial mass
exceed the Chandrasekhar mass, because even a star that starts well above
MCh = 1.4 M� may be able to lose enough mass to get down to MCh by the
time it is approaching the degenerate region. The boundary between stars
that turn into white dwarfs and stars that end their lives in supernovae turns
out to be an initial mass of roughly 8 M�, rather than 1.4 M�.

For this reason, a complete theory of stellar evolution must include a model
for mass loss as well.
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